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ABSTRACT
Recent theoretical works suggest that the pebble accretion process is important for
planet formation in protoplanetary disks, because it accelerates the growth of planetary
cores. While several observations reveal axisymmetric sharp gaps in very young disks,
which may be indicative of the existence of planets. We investigate the possibility
of planet formation via pebble accretion in much earlier phases, the gravitationally
unstable disks of class 0/I young stellar objects. We find that under the conditions of
the class 0/I disks, the pebble accretion timescales can be shorter compared to the
typical protoplanetary disks due to larger gas and dust accretion rate, but also find
that the accretion timescale is not always a decreasing function of the gas accretion
rate. By using estimated accretion timescales, we give a required initial mass to form
cores of gas giants within the lifetime of class 0/I phases under several parameters,
such as radial distances from the host star, gas accretion rates, and dust-to-gas mass
ratio. In the most optimistic case, for example the dust-to-gas mass ratio is f = 3fsolar,
∼ 10−4M⊕ objects at 10 au can grow to 10M⊕ cores during the typical lifetime of the
class 0/I phases, 0.5 Myr.
Key words: Planetary systems – planets and satellites: formation – planets and
satellites: physical evolution – planet-disc interactions
1 INTRODUCTION
Planets are formed in a protoplanetary disk. In the tradi-
tional planet formation models, it is assumed that kilometer-
sized planetesimals are formed from dust particles, after
which they grow up to become planetary embryos and/or
protoplanets (e.g., Safronov 1972; Hayashi et al. 1985). In
particular, in the formation of giant planets, planetary cores
form and grow via runaway and oligarchic growth phases
(e.g., Wetherill & Stewart 1989; Kokubo & Ida 1998), and
subsequent disk gas accretion onto the cores forms gas gi-
ant planets (e.g., Mizuno 1980; Stevenson 1982; Ikoma et al.
2000). This process is the so-called core accretion scenario.
The formation processes of planetary systems are being ac-
tively studied both theoretically and observationally, but
there still remain several issues to be resolved. For example,
the timescales to form the giant planets by core accretion be-
come too long in the distant orbit in the gas-free condition
(Dodson-Robinson et al. 2009; Rafikov 2011).
Recently, an alternative model has been proposed;
small dust particles directly form large clumps via stream-
ing instability (Youdin & Goodman 2005; Johansen et al.
⋆ E-mail: tanaka.y.cn@m.titech.ac.jp
2007, 2012, 2015; Carrera et al. 2017), and the clumps grow
fast by the accretion of migrating centimeter-sized pebbles
that is enhanced by aerodynamic effects (Ormel & Klahr
2010; Lambrechts & Johansen 2012, 2014; Lambrechts et al.
2014). The latter process is the so-called pebble accre-
tion. In this process, the timescale of the growth of the
cores of giant planets is shortened even in the distant re-
gion of the disks (Lambrechts & Johansen 2012). In addi-
tion, the pebble accretion model has been applied to other
conditions, such as the formation of super-Earths systems
(e.g., Chatterjee & Tan 2014) and water delivery to the
Earth and/or terrestrial embryos (Morbidelli et al. 2016;
Sato et al. 2016).
Planet formation via pebble accretion and its applica-
tions in protoplanetary disks (here we refer to protoplane-
tary disks as disks in the class II/III young stellar objects
(YSOs), which is characterized by the absence of mass sup-
ply from the envelope.) have been studied (e.g., Guillot et al.
2014; Ida et al. 2016). However, the possibility of pebble ac-
cretion in class 0/I YSOs, the earlier phases of star and
planet formation, has not been considered so far. It is shown
that planetesimal formation from porous dust aggregate
(Okuzumi et al. 2012; Kataoka et al. 2013) is more prefer-
able in the class 0/I phase (Tsukamoto et al. 2017). This
c© 2019 The Authors
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motivates us to investigate the possibility of pebble accre-
tion in the class 0/I phases for the first time.
Another and the most important motivation of this
work is the recent remarkable discoveries of disks with
multiple rings and gaps, mainly achieved by the At-
acama Large Millimeter/submillimeter Array (ALMA)
(e.g., ALMA Partnership et al. 2015; Andrews et al. 2016;
Isella et al. 2016; Loomis et al. 2017; Cieza et al. 2017;
Fedele et al. 2018). One of the most intriguing objects
among these is HL Tau, the circumstellar disk whose sev-
eral axisymmetric sharp gaps and rings have been imaged
(ALMA Partnership et al. 2015). In addition, the HCO+
observation obtained by ALMA also suggests the exis-
tence of a gap structure in the gas component (Yen et al.
2016). Many mechanisms have been suggested to repro-
duce the gap and ring structures found around HL Tau
and other objects; for example, magnetorotational instabil-
ity (Johansen et al. 2009; Uribe et al. 2011), secular grav-
itational instability (Youdin 2011; Takahashi & Inutsuka
2014, 2016; Tominaga et al. 2018), baroclinic instability
(Kretke & Lin 2007; Dzyurkevich et al. 2010; Flock et al.
2015), dust sintering (Okuzumi et al. 2016), and photoevap-
oration (Ercolano et al. 2017). Another possible gap-carving
mechanism is embedded planets in the protoplanetary
disks (e.g., Goldreich & Tremaine 1980; Lin & Papaloizou
1986). Recent works suggest that if gaseous planets exist
in the disks, clear gaps similar to those seen in the HL
Tau disk and other disks can be opened by the planets
(e.g., Dipierro et al. 2015; Kanagawa et al. 2015; Dong et al.
2015; Picogna & Kley 2015; Jin et al. 2016; Kanagawa et al.
2016).
However, the radii of the observed gaps are typi-
cally several tens of astronomical units (au), and whether
planet formation at such large distances within the early
phase of disk evolution is possible or not is still unclear.
This is because the timescale to form the giant planets
by classical core accretion scenario, which can be applied
for the gas-free planetesimal accretion, is significantly long
(Dodson-Robinson et al. 2009; Rafikov 2011). It is suggested
that the formation of giant planets via gravitational insta-
bility instead of core accretion can account for gaseous plan-
ets in distant orbits (Stamatellos & Whitworth 2008, 2009;
Vorobyov & Basu 2010; Tsukamoto et al. 2013, 2015a). For
example, planet formation by gravitational instability might
take place in &50 au, and inward migration of the plan-
ets can explain the existence of the planets responsible for
the gaps (Akiyama et al. 2016). However, the mass of the
planet formed via fragments of gravitational instability is
typically several Jupiter mass and is too large to explain
the properties of the gaps in the HL Tau disk. For example,
Kratter et al. (2010) pointed out that fragments of gravi-
tational instability are unlikely to produce planetary mass
objects.
In this work we investigate formation of solid cores
go gaseous planets by pebble accretion in class 0/I disks.
It is estimated that the ages of several disks that have
clear gaps are very young, such as HL Tau (.1 Myr, e.g.,
ALMA Partnership et al. 2015), AS 209 (∼0.5 – 1 Myr,
Fedele et al. 2018), Elias 2-24 (∼0.4 Myr, Cieza et al. 2017;
Andrews et al. 2010; Siess et al. 2000). If planet formation
in the class 0/I phases is possible, the existence of the gaps
around the class I YSOs can be explained by the giant
planet.
This paper is organized as follows. In Section 2, we apply
pebble accretion theory to the class 0/I YSOs disk. Then we
investigate the accretion timescales and give the required ini-
tial masses to form the cores of the giant planets within the
lifetime of the disks, and show their parameter dependence
in Section 3. Section 4 is devoted to a discussion on compari-
son to the class II disks, migration timescales, the possibility
of self-filtration effects, and the possibility of planet forma-
tion in the class 0/I phases. Finally, we summarize our work
in Section 5.
2 MODELS
In this section, we describe our theoretical framework. For
the gas and dust disk model, we assume steady state
structures for the gravitationally unstable disk and the
dust disk in which radial migration and dust growth are
taken into account, respectively (Tsukamoto et al. 2017).
Theoretically, it has been pointed out that the grav-
itationally unstable disk frequently forms in class 0/I
YSOs (e.g., Nakamoto & Nakagawa 1994; Vorobyov 2009;
Vorobyov & Basu 2010) Therefore, we adopt the gravita-
tionally unstable disk. Some reader may question this point
because of the disk mass estimate from observation (e.g.,
Ansdell et al. 2016). However, most of the disk mass is esti-
mated from dust thermal emission and is highly uncertain.
We believe that the disk mass used in this study is not un-
realistic (see Tsukamoto et al. (2017) for more detail).
2.1 Gas disk model
2.1.1 Temperature profile
First, we describe the temperature profile of the disk in our
model. Here, we assume that the disk temperature T is de-
termined by the stellar irradiation. We assume the temper-
ature profile of the irradiated disk is given as follows:
T = Tirr ≃ 150
( r
1 au
)−3/7
K
≃ 56
( r
10 au
)−3/7
K (1)
This temperature profile is given by Kusaka et al. (1970)
and Chiang & Goldreich (1997).
The speed of sound cs is assumed to be
cs =
√
kBT
mg
≃ 1.9× 104
(
T
10K
)1/2
cm s−1, (2)
where kB is the Boltzmann constant, and mg (∼3.9× 10−24
g) is the mean molecular mass of the gas. Substituting equa-
tion (1) into (2), the radial dependence of cs is given as fol-
lows:
cs ≃ 4.5 × 104
( r
10 au
)−3/14
cm s−1 (3)
The aspect ratio of the gas disk Hˆgas is as follows:
Hˆgas ≡ Hgas
r
=
cs
rΩ
≃ 4.8× 10−2
(
M∗
M⊙
)−1/2 ( r
10 au
)2/7
, (4)
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where Hgas, Ω, M∗, and M⊙ are the pressure scale height
of the gas disk, rotational frequency, stellar mass, and so-
lar mass, respectively. The scale height of the gas disk is
defined as ρgas(z) ∝ exp
(−z2/2H2gas). Here, we assume the
Keplerian rotation ΩK for Ω:
ΩK =
√
GM∗
r3
= 2.0× 10−1
(
M∗
M⊙
)1/2 ( r
10 au
)−3/2
yr−1, (5)
where G is the gravitational constant.
2.1.2 Gas disk structure
We use a steady-state solution for the marginally gravita-
tionally unstable gas disk given by Tsukamoto et al. (2017)
in which Q = 2 is assumed in entire disks, where Q is
Toomre’s Q value which is given by
Q ≡ csκep
piGΣgas
, (6)
where κep is the epicycle frequency, and Σgas is the surface
density of the gas. In this work, we use the approximation
κep = Ω. Assuming that the disk can be described by the vis-
cous α accretion disk model (Shakura & Sunyaev 1973) and
that the gas accretion rate M˙gas is constant, the following
equation should be satisfied:∣∣∣∣d ln Ωd ln r
∣∣∣∣αc2sΩΣgas = 12pi M˙gas = const. (7)
From equation (6) with the assumption Q = 2, we obtain
the radial dependence of the gas surface density as follows:
Σgas ≃ 6.7 × 102
(
M∗
M⊙
)1/2 ( r
10 au
)−12/7
g cm−2, (8)
and from equations (5) and (7), α can be described as
α ≃ 3.2× 10−2
(
M˙gas
10−6 M⊙ yr−1
)( r
10 au
)9/14
. (9)
Because the gas component experiences both the grav-
ity of the central star and the pressure gradient force, the
azimuthal velocities between the gas and the dust differ
slightly. The difference in the motion between the gas and
the dust is parameterized by
vφ = vK (1− η) , (10)
η = −1
2
(
cs
vK
)2
d lnP
d ln r
= − Hˆ
2
gas
2
d lnP
d ln r
, (11)
where vφ and vK are the azimuthal and Kepler velocities, re-
spectively, and P is the gas pressure. By using d lnP/d ln r =
d ln (ΣgasT/Hgas) /d ln r, and substituting to equations (1),
(4), and (8), we obtain
d lnP
d ln r
= −24
7
. (12)
Therefore, the radial dependence of η can be written as
η ≃ 3.9× 10−3
(
M∗
M⊙
)−1 ( r
10 au
)4/7
. (13)
2.2 Dust disk model
In our model, we assume analytical expressions for the dust
disk that are derived by Tsukamoto et al. (2017), in which
the Epstein law is assumed. Here, we briefly summarize the
derivation of the structures of the dust disk.
The evolution of the surface density of the dust Σdust
and the mass of a dust particle mdust are described as fol-
lows:
∂Σdust
∂t
+
1
r
∂
∂r
(rvr,dustΣdust) = 0, (14)
∂mdust
∂t
+ vr,dust
∂mdust
∂r
=
mdust
tcoll
, (15)
where vr,dust and tcoll are the radial velocity of the dust par-
ticles and the collision time, respectively. Because we assume
the steady state, the time-derivative terms can be ignored
(i.e., ∂/∂t = 0), and therefore equations (14) and (15) be-
come
1
r
∂
∂r
(rvr,dustΣdust) = 0, (16)
vr,dust
∂mdust
∂r
=
mdust
tcoll
. (17)
Upon integrating equation (16), we see that r |vr,dust|Σdust
is constant, and this term becomes the mass flux when it is
multiplied by 2pi. Therefore, we obtain the following equa-
tion:
2pir |vr,dust|Σdust = M˙dust. (18)
The mass of a single dust particle is
mdust =
4pi
3
a3dustρint (19)
where adust and ρint are the radius and the internal density of
the dust particle, respectively. The collision time in equation
(17) is
tcoll =
1
4pia2dustndust∆vd
(20)
where ndust and ∆vd are the dust number density and the
relative velocity, respectively, and ndust can be described as
ndust =
Σdust√
2piHdustmdust
. (21)
In this equation, Hdust is the scale height of the dust disk.
In addition we assume
vr,dust = −2ηvKSt. (22)
St is the Stokes number that is defined by
St ≡ tstopΩ, (23)
where tstop is the stopping time due to the gas drag force.
The stopping time is expressed as follows:
tstop =


ρintadust
ρgasvth
(
adust <
9
4
λmfp, Epstein drag law
)
4ρinta
2
dust
9ρgasvthλmfp
(
adust >
9
4
λmfp, Stokes drag law
) (24)
where ρgas, vth, and λmfp are the gas density, thermal veloc-
ity, and the mean free path, respectively.
By using equations (11), (19), (20), (21), and (22), equa-
tion (17) can be rewritten as the equation for the dust size
as follows:
∂adust
∂r
= −
(
1
2pi
)3/2
v2KM˙dust
rc4s (d lnP/d ln r)
2 ρint
(
∆v
HdustSt
2
)
. (25)
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In the Epstein drag regime, the relative velocity and the dust
scale height are described as
∆vd =
√
αc2sSt, (26)
Hdust ≃
(
1 +
St
α
)−1/2
Hgas ≃
(
St
α
)−1/2
Hgas (27)
(e.g., Ormel & Cuzzi 2007; Youdin & Lithwick 2007), and
therefore the radial size distribution of the dust particle can
be expressed as
∂adust
∂r
= −
(
m2gv
3
KM˙dustΣgas
(2pi5)1/2 k2BT
2 (d lnP/d ln r)2 ρ2int
)
r−2a−1dust. (28)
As described by equations (1) and (8), the profiles of
the temperature and the gas surface density are described
by the power law as Σgas = Σ0r
−12/7 and T = T0r
−3/7. The
Kepler velocity vK = rΩK is also written as vK = vK,0r
−1/2.
Therefore equation (28) becomes
∂adust
∂t
= Ar−61/14a−1dust, (29)
where A is a negative constant defined as
A ≡ − m
2
gv
3
K,0M˙dustΣ0
(2pi5)1/2 k2BT
2
0 (d lnP/d ln r)
2 ρ2int
. (30)
By integrating equation (29), we obtain
adust =
(
−28
47
Ar−47/14 + C
)1/2
, (31)
where C is an integral constant. Because the index of the
power law is negative, the dust size asymptotically ap-
proaches in r → 0,
adust =
(
−28
47
A
)1/2
r−47/28. (32)
Equations (30) and (32) tell us that the dependence of the
dust size is adust ∝ r−47/28M˙1/2gas M∗ρ−1int when the dust ac-
cretion rate is proportional to the gas accretion rate, which
we assume in equation (68) in Section 3. Normalizing equa-
tion (32) with the values at 10 au, we obtain the analytic
solution for the dust size in our disk model as
adust ≃ 3.8× 102
( r
10 au
)−47/28 ( M˙gas
10−6 M⊙ yr−1
)1/2
(
M∗
M⊙
)(
ρint
0.1 g cm−3
)−1
cm. (33)
As we describe in a later section (equation (35)), the
Stokes number in the Epstein drag regime is written as
St = piρintadust/2Σgas . Because the dependences of the dust
size and the gas surface density are Σgas ∝ r−12/7M1/2∗ and
adust ∝ r−47/28M˙1/2gas M∗ρ−1int , the dependence of the Stokes
number is St ∝ r1/28M˙1/2gas M1/2∗ . From equations (3), (9),
and (26), we obtain the result that the dependence of the
relative velocity is ∆vd ∝ r1/8M˙3/4gas M1/4∗ . In addition, com-
bining equations (13) and (22) yields vr,dust ∝ r3/28M˙1/2gas .
We can then obtain the dependence of the dust surface den-
sity from equation (18) as Σdust ∝ r−31/28M˙1/2gas . Calculating
the constant factors and normalizing as in equation (33), we
finally obtain the analytic solution for the surface density of
the dust component in the steady state as follows:
Σdust ≃ 1.0
( r
10 au
)−31/28 ( M˙gas
10−6 M⊙ yr−1
)1/2
g cm−2. (34)
This analytic solutions are derived assuming equation (22),
meaning that the dust has grown and radial drift already has
begun in the disk. Tsukamoto et al. (2017) showed with 1D
simulations that the growth timescale is short enough in r .
100 au and the dust profiles quickly settles into this steady
state solution within t < 105 years. Thus, this solution well
describes the dust structure of the disk for r . 100 au where
we investigate in this paper.
In addition, we assumed that the dust and gas are sup-
plied at the edge of the disk. This assumption is not stan-
dard for 1D simulations of viscous accretion disks with dust
evolution (e.g., Hueso & Guillot 2005; Takahashi & Muto
2018) in which the mass is added at the centrifugal ra-
dius. However, recent 3D magnetohydrodynamical simula-
tions show the formation of the outflow in the upper en-
velope and formation of the flattened envelope structure
so-called pseudo-disk surrounding disk(Machida et al. 2011;
Tomida et al. 2015; Tsukamoto et al. 2015a,b; Masson et al.
2016; Wurster et al. 2016). These structures may suppress
the mass accretion from the upper envelope and enhance
mass accretion from the disk edge. Thus, this assumption is
valid for the disk in class 0/I YSOs.
2.3 Stokes number
From this section we derive the timescale of the pebble ac-
cretion in our disk model. To achieve this, first we calculate
several important parameters such as the stopping time and
Stokes number, after which we estimate the modes of the
pebble accretion and their timescales.
The Stokes number describes how the dust particles and
pebbles are coupled to the gas flow. When the size of the
dust particle is small and the mean free path is large due
to the low gas density (e.g., in the outer region of the disk),
the stopping time is determined by the Epstein drag law.
In contrast, when the dust grows larger and the mean free
path is small due to the high gas density, the stopping time
is determined by the Stokes drag law. By using equations
(23) and (24), the Stokes number is rewritten as
St =


piρintadust
2Σgas
(Epstein)
2piρinta
2
dust
9Σgasλmfp
(Stokes) .
(35)
The thermal velocity is expressed as vth =
√
8/pics, and
the scale height of the gas disk is Hgas = cs/Ω. The relation
between the gas density at the midplane of the disk and the
surface density of the gas is
ρgas =
Σgas√
2piHgas
. (36)
The mean free path can be described as follows;
λmfp =
mgas
σmolρgas
=
mgas
σmol
√
2piHgas
Σgas
≃ 5.2× 101
(
M∗
M⊙
)−1 ( r
10 au
)3
cm,(37)
where σmol (≃ 2× 10−15 cm2) is the collisional cross section
of the gas molecules.
In the Epstein regime, using equation (8), the Stokes
MNRAS 000, 1–15 (2019)
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number is given by
St ≃ 2.3× 10−4
(
ρint
0.1 g cm−3
)(
M∗
M⊙
)−1/2
( adust
1.0 cm
)( r
10 au
)12/7
. (38)
By substituting equation (33) into this equation, we obtain
the following expression;
St ≃ 8.9× 10−2
(
M∗
M⊙
)1/2 (
M˙gas
10−6 M⊙ yr−1
)1/2 ( r
10 au
)1/28
. (39)
The radial dependence of the Stokes number in the Epstein
regime is very weak, St ∝ r1/28.
In the Stokes regime, using equation (8), the Stokes
number is given by
St = 2.0× 10−6
(
ρint
0.1 g cm−3
)
( adust
1.0 cm
)2(M∗
M⊙
)1/2 ( r
10 au
)−9/7
. (40)
The analytical expression of adust (equation (33)) is derived
by assuming the Epstein regime, and therefore it cannot
be used for the Stokes regime. Therefore we left adust in
equation (40). Equation (33) indicates that the radius of
the dust particles becomes approximately 400 cm around
10 au where the drag law changes from the Epstein to Stokes
regime.
From equations (33) and (37), the transition radius from
the Epstein to the Stokes regime rES can be calculated as
rES ≃ 13
(
M∗
M⊙
)56/131 (
M˙gas
10−6 M⊙ yr−1
)14/131
(
ρint
0.1 g cm−3
)−28/131
au. (41)
Our primary focus is r > 10 au and we only consider the
Epstein regime in this paper.
2.4 Accretion timescale
Next we estimate the timescale of the pebble accretion.
The accretion mode of the pebbles are divided into two
regimes, the 3D regime and the 2D regime (e.g., Ida et al.
2016). In addition, the pebble accretion mode is also di-
vided into Bondi and Hill regimes, mainly depending on
the mass of planetesimals/planetary embryos (Guillot et al.
2014). In this section, we denote the accretion timescales in
these regimes and evaluate which regimes will be dominant
in our disk model.
2.4.1 Bondi/Hill accretion modes
When the mass of the planetary embryo is small, accretion
occurs in the Bondi regime, and then it changes to the Hill
regime as the mass increases (Guillot et al. 2014). In the
Bondi regime, the equivalent collisional cross section of a
planetesimal/planetary embryo is written as
b ≃ κ
√
12StR3H
η′r
, (42)
and in the Hill regime it is written as
b ≃ 2κSt1/3RH, (43)
where η′ = χη and χ =
√
1 + 4St2/
(
1 + St2
)
(Ida et al.
2016). RH is the Hill radius, which is given by
RH = r
(
M
3M∗
)1/3
, (44)
where M is the mass of a planetary embryo. In
these equations, κ is the reduction factor, proposed by
Ormel & Kobayashi (2012):
κ = exp
(
−
(
St
min (2, St∗)
)0.65)
(45)
St∗ = 4
(
M
M∗
)
1
η3
. (46)
In the case of relatively small St and large M , κ can be
approximated to unity, thus this factor can be omitted
(Ida et al. 2016). However, this factor cannot be neglected
when St is relatively large and/or the mass of the planetes-
imal/planetary embryo is small.
The transition from the Bondi to the Hill regime occurs
when the following condition is satisfied:√
3St1/3RH
η′r
∼ 1, (47)
In this equation, χ ∼ 1 and η′ ∼ η for St < 1. From these
criteria, we obtain the transition mass between the Bondi
and Hill regimes as follows:
MBH ≃ η
3
9 St
M∗
≃ 2.2× 10−2
(
St
0.1
)−1
(
M∗
M⊙
)−3 ( r
10 au
)12/7
M⊕. (48)
By substituting equation (39), this can be rewritten as
MBH ≃ 2.5× 10−2
(
M∗
M⊙
)−7/2 (
M˙gas
10−6 M⊙ yr−1
)−1/2
( r
10 au
)47/28
M⊕. (49)
This shows that the transition from the Bondi regime to the
Hill regime occurs when the mass of the planetary embryo
becomes ∼0.025M⊕ at 10 au in the Epstein regime.
From equation (42), the equivalent accretion cross sec-
tion in the Bondi regime can be written as
bBondi ≃ 2κ
(
St
η
M
M∗
)1/2
r. (50)
When we assume St ∼ 0.1 and η ∼ 10−3, bBondi is
bBondi ≃ 5.1× 105κ
(
St
0.1
)1/2 ( η
10−3
)−1/2 ( M
10−4M⊕
)1/2
(
M∗
M⊙
)−1/2 ( r
10 au
)
km. (51)
In the Hill regime, the equivalent accretion cross section is
written as
bHill ≃ 2κSt1/3RH (52)
MNRAS 000, 1–15 (2019)
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by equation (43) and this can be expressed as
bHill ≃ 9.3× 105κ
(
St
0.1
)1/3 (
M
10−4M⊕
)1/3 (
M∗
M⊙
)−1/3
( r
10 au
)
km. (53)
These expressions show that the equivalent accretion cross
sections in both the Bondi and Hill regimes are much larger
than the physical radius of planetesimals or planetary em-
bryos. Therefore, the equivalent accretion cross sections in
the Bondi and Hill regimes are always larger than the phys-
ical cross section.
2.4.2 3D accretion mode
When the scale height of the dust/pebble disk is larger com-
pared to the collision cross section of a planetesimal or a
planetary embryo, and the planetary embryos are not so
massive, pebble accretion occurs in the 3D regime. There-
fore, the accretion mode in the outer region of the disk tend
to be the 3D regime. In the case of isotropic pebble flux, the
accretion rate can be written as
M˙ = pib2ρdust∆v (54)
where ρdust and ∆v are the spatial density of the pebbles,
and the relative velocity between the pebbles and a plan-
etesimal or a planetary embryo. Considering the relation be-
tween the spatial density and the surface density of the peb-
bles, ρdust = Σdust/
√
2piHdust, which is equivalent to equa-
tion (21), we obtain
M˙ = pib2
Σdust√
2piHdust
∆v. (55)
The accretion timescale is defined as tacc ≡M/M˙ . The
relative velocity ∆v is given by
∆v ≃
(
1 +
3b
2ηr
)
ηvK. (56)
In the Bondi regime, the accretion cross section b is given
by equation (42). Therefore, the accretion timescale can be
expressed as
tacc,3D ≃
√
2
pi
M∗Hˆgasα
1/2
4r2ΣdustΩKSt
3/2κ2
. (57)
In the Hill regime, b is given by equation (43), thus tacc,3D
is
tacc,3D ≃
√
2
pi
M∗Hˆgasα
1/2
4r2ΣdustΩKSt
3/2κ3
. (58)
As pointed out in Ida et al. (2016), the accretion timescale
in the 3D regime is identical in both the Bondi and Hill
regimes except for the reduction factor κ, which becomes
important when St is large and the mass of the embryo is
small. As described in section 2.4.1, the accretion occurs in
the Bondi regime during the mass of the embryo is small
(equation (49)). Thus the early phase of the growth of the
embryo is in the Bondi regime that is described by equation
(57).
By substituting equations (4), (5), (9), (34), and as-
suming that the drag law is in the Epstein regime (equation
(39)), equation (57) is rewritten as
tacc,3D ≃ 9.4× 105κ−2
(
M∗
M⊙
)−3/4 (
M˙dust
10−4M⊕ yr−1
)−1
(
M˙gas
10−6 M⊙ yr−1
)1/4 ( r
10 au
)65/56
yr. (59)
This is the accretion timescale in the 3D and Epstein regime
(and in the Bondi regime). In the Hill regime, κ−2 in equa-
tion (59) is replaced by κ−3.
In the Stokes regime, the Stokes number is expressed by
equation (40), and therefore the accretion timescale is
tacc,3D ≃ 5.0× 105κ−2
(
M∗
M⊙
)−3/4 (
M˙gas
10−6 M⊙ yr−1
)1/2
(
M˙dust
10−4M⊕ yr−1
)−1(
ρint
0.1 g cm−3
)−1/2
( adust
400 cm
)−1 ( r
10 au
)51/28
yr. (60)
This is the accretion timescale in the 3D and Stokes regime.
2.4.3 2D accretion mode
In the inner region of the disk, the dust scale height becomes
relatively thin. In addition, the cross section of the accretion
becomes larger as the planetary embryos grow, and thus the
accretion mode changes from the 3D mode to the 2D mode.
In the 2D mode, the accretion rate is expressed by the
following equation (Ida et al. 2016):
M˙ = 2bΣdust∆v. (61)
Calculating the same manner as in Section 2.4.2, we obtain
tacc,2D ≃ 8.8× 104κ−2
(
M∗
M⊙
)−1/3 (
M˙dust
10−4M⊕ yr−1
)−1
(
St
0.1
)1/3 (
M
0.1M⊕
)1/3 ( r
10 au
)4/7
yr, (62)
where M⊕ is Earth’s mass. Here we assume that the colli-
sional cross section b is determined by the Bondi regime (see
Section 2.4.4). When the drag law is the Epstein regime, we
can substitute equation (39) and obtain
tacc,2D ≃ 8.5× 104κ−2
(
M∗
M⊙
)−1/6 (
M˙gas
10−6 M⊙ yr−1
)1/6
(
M˙dust
10−4M⊕ yr−1
)−1 (
M
0.1M⊕
)1/3 ( r
10 au
)7/12
yr. (63)
This is the accretion timescale in the 2D and Epstein regime.
In the Stokes regime, the accretion timescale is denoted as
tacc,2D ≃ 1.3× 105κ−2
(
M∗
M⊙
)−1/6 (
M˙dust
10−4M⊕ yr−1
)−1
(
ρint
0.1 g cm−3
)1/3 ( adust
400 cm
)2/3
(
M
0.1M⊕
)1/3 ( r
10 au
)1/7
yr. (64)
This is the accretion timescale in the 2D and Stokes regime.
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2.4.4 Transition of 2D/3D accretion modes
The transition from the 3D accretion mode to the 2D accre-
tion mode occurs when
bˆ ∼
√
8
pi
Hˆdust (65)
is satisfied (Ida et al. 2016), where bˆ = b/r is a normalized
cross section. From equations (27) and (65), the transition
mass of the planetary embryo can be written as
M2D3D ≃
3
(√
2/piHˆdust
)3
St
. (66)
From equations (9) and (39), the transition mass is obtained
as
M2D3D ≃ 154
(
M∗
M⊙
)−7/4 (
M˙gas
10−6 M⊙ yr−1
)1/4
( r
10 au
)97/56
M⊕. (67)
In our disk model, the transition mass of the planetary em-
bryo is very large, and therefore the pebble accretion mode is
dominated by the 3D accretion mode. This transition mass
is much larger than the transition mass between Bondi and
Hill regime (see, equation (49)). Therefore the 2D accretion
mode always occurs in the Hill regime (Ida et al. 2016).
In addition, as shown in equation (41), the transition
from the Epstein to the Stokes drag law occurs at ∼ 10 au.
Thus, the pebble accretion mode in our fiducial model is the
3D and Epstein regime, and its timescale is expressed by
equation (59).
3 RESULTS
3.1 Accretion timescales
In our disk model, the accretion rate is denoted by equation
(59), which is the accretion timescale in the 3D and Epstein
regime as described in Section 2.4.4. Here, we assume that
the dust accretion rate is related to the gas accretion rate
as follows:
M˙dust = fM˙gas, (68)
where f is the dust-to-gas mass ratio. If we assume M˙gas =
10−6M⊙ yr
−1 and f = 0.01 as a fiducial model, the accretion
timescale of equation (59) is rewritten as
tacc,3D ≃ 2.8× 104κ−2
(
M∗
M⊙
)−3/4 ( r
10 au
)65/56
yr. (69)
Therefore, the pebble accretion timescale at ∼ 10 au can
be shorter than or comparable to the typical lifetime of the
class 0/I object, tlife ∼ 5 × 105 yr, depending on the value
of the reduction factor κ.
3.2 Parameter dependence of the accretion
timescale
Here we show the parameter dependences of the accretion
timescale in the 3D and Epstein regime. As expressed by
equations (59) and (68), the accretion timescale depends on
the stellar mass, accretion rates of the gas and dust, radial
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Figure 1. Radial profiles of the accretion timescales with dif-
ferent gas accretion rates. The horizontal axis is the radial dis-
tance from the central star in units of astronomical unit (au),
and the vertical axis is the accretion timescale in units of year.
In this plot, we fixed M∗ = M⊙, M˙dust = fM˙gas, f = 0.01,
and M = 10−3M⊕. The magenta dotted, red solid, green dashed,
and blue dot-dashed lines correspond to the gas accretion rates
5 × 10−7 M⊙ yr−1, 1 × 10−6 M⊙ yr−1, 2 × 10−6 M⊙ yr−1, and
3× 10−6 M⊙ yr−1, respectively. The black dotted line shows the
accretion timescale when M˙gas = 1 × 10−6 M⊙ yr−1 and κ = 1
are assumed.
distance, and dust-to-gas mass ratio. If we fix the stellar
mass and assume the relation expressed by equation (68),
the important parameters are the gas accretion rate, dust-to-
gas mass ratio, and radial distance. However, the reduction
factor κ given by equation (45) depends on St and the mass
of the planetesimal/planetary embryo, so the mass is also
the important parameter for the accretion timescale.
3.2.1 Dependence on the gas accretion rate
First we investigate the radial dependence of the accretion
timescales with different gas accretion rates. Because the
accretion mode in the outer region of the disk is the 3D
and Epstein regime, we plot equations (59) and (68). Here
we assume that M∗ = M⊙, M˙dust = fM˙gas, and we fix the
dust-to-gas mass ratio as f = 0.01. The accretion timescale
also depends on the mass of the planetesimalM because the
reduction factor κ is the function ofM . Here we assume that
M = 10−3M⊕.
Fig. 1 shows the radial dependence of the accretion
timescale. We also show the accretion timescale when κ = 1
is assumed as a reference. If the reduction factor is ne-
glected, the radial dependence of the accretion timescale is
tacc ∝ r65/56, as described by equation (59), and therefore
the timescale at ∼100 au is approximately ten times longer
than that at ∼10 au. The black dotted line in Fig. 1 shows
this relation.
However, the reduction is significant when M is small
and St is large. From equations (45) and (46), the reduction
factor will be significant when St∗ . 2. The criterion mass
can be written asM ≃ (1/2)η3M∗, and this can be rewritten
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as
M ≃ 2.5× 10−3
(
M∗
M⊙
)−2 ( r
10 au
)12/7
M⊕. (70)
When the mass of the planetesimal/planetary embryo is
smaller than this value, the effect of κ is significant. This
effect is shown in Fig. 1; the accretion timescale described
by the red solid line becomes larger than the black dotted
line that κ is ignored. Equation (70) also shows that the
critical mass increases as the radial distance. This is mainly
caused by the radial dependence of η. Therefore, the accre-
tion timescale increases rapidly in the distant region.
The dependence of the accretion timescale on the gas ac-
cretion rate is not simple. As shown in Fig. 1, the accretion
timescale decreases with the increase of the gas accretion
rate in the region within ∼ 20 au. The dependence of the
accretion timescale on the dust accretion rate is ∝ M˙−1dust
(equation (59)), and the dependence of the timescale on
the gas accretion rate is ∝ M˙1/4gas . Hence the resultant de-
pendence of the timescale on the accretion rate becomes
∝ M˙−3/4gas , when κ is neglected. In the distant region where
r & 20 au, however, the accretion timescale slightly increases
with the gas accretion rate. This is caused by the depen-
dence of St on the gas accretion rate. The larger gas accre-
tion rate causes the larger St, and hence smaller reduction
factor. Since the critical mass is large in the distant region
as shown by equation (70), the effect of the reduction factor
is significant.
3.2.2 Dependence on the dust-to-gas mass ratio
In Section 3.2.1, we assume that the dust-to-gas mass ratio
in the disk is 0.01. However, the dust-to-gas mass ratio varies
from this in the different star forming region (Liseau et al.
2015). As shown in equation (59), the accretion timescale is
inversely proportional to the dust accretion rate, and there-
fore the timescale becomes short as the dust-to-gas mass
ratio increases.
Fig. 2 shows the radial dependence of the accretion
timescale with different values of the dust-to-gas mass ra-
tio. We assume that M = 10−3M⊕. Here fsolar = 0.0149 is
the dust-to-gas mass ratio for the solar system suggested by
Lodders (2003). Because we fixed M˙gas = 10
−6 M⊙ yr
−1, the
accretion timescale is proportional to tacc ∝ f−1. Therefore,
when the dust-to-gas mass ratio is doubled, the accretion
timescale falls to one-half. The general trend is similar to
Fig. 1: the accretion timescale increases as the radial dis-
tance increases, because of the large value of η. In this plot
the gas accretion rate is fixed, and St does not depend on
the dust-to-gas mass ratio. Therefore the reduction factor
does not depend on the value of the dust-to-gas mass ratio.
3.2.3 Dependence on the embryo mass
The accretion timescale does not depend on the embryo mass
except for the reduction factor κ, and κ gets close to unity
when the mass of the embryo is large. Therefore, in the case
that the embryo mass is relatively large and St is small, κ
will be neglected. Fig. 3 shows the dependence of the ac-
cretion timescale on the embryo mass. In case of the small
embryo mass, the effect of the reduction factor is large and
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Figure 2. Radial dependence of the accretion timescales with
different values of the dust-to-gas mass ratio, f . The axes are the
same as in Figure 1. In this plot, we fixed M∗ = M⊙ and M˙gas =
10−6 M⊙ yr−1, and assumed M˙dust = fM˙gas. The red solid, green
dotted, blue dashed, and violet dot-dashed lines correspond to
the dust-to-gas mass ratios, f = 0.01, 1fsolar, 2fsolar, and 3fsolar,
respectively, and fsolar = 0.0149 is the dust-to-gas mass ratio
in the solar nebula. The black dotted line shows the accretion
timescale when f = 0.01 and κ = 1 are assumed.
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Figure 3. Radial profiles of the accretion timescales with dif-
ferent masses of the embryo. The axes are the same as in Figure
1. In this plot, we fixed M∗ = M⊙, M˙gas = 1 × 10−6 M⊙ yr−1,
M˙dust = fM˙gas, and f = 0.01. The red solid, green dotted, blue
dashed, and violet dot-dashed lines correspond to the embryo
mass, 10−3M⊕, 10−2M⊕, 10−1M⊕, and 5 × 10−1M⊕, respec-
tively. The black dotted line shows the accretion timescale when
κ = 1 are assumed.
the accretion timescale largely deviates from the black dot-
ted line that assumes κ is unity. When the embryo mass is
large, the effect of the reduction factor becomes smaller, and
the dependence of the accretion timescale on the radial dis-
tance becomes∝ r65/56. Fig. 3 clearly shows this dependence
when the embryo mass is large.
In this plot, the accretion timescale does not completely
match the value that assumes κ = 1 even when the embryo
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mass is large, for example M = 5.0 × 10−1M⊕. This is be-
cause the large value of St that is caused by the larger gas
accretion rate. In our model, the gas accretion rate is as-
sumed to be much larger compared to the class II disks. This
leads to the St value about an order of magnitude larger the
that of the class II disks (e,g, Ida et al. 2016). Therefore,
the reduction factor does not completely reach unity, and
certain amount of the effect of the reduction remains.
In Fig. 3, small drops appear when M = 10−1M⊕ and
M = 5.0×10−1M⊕. This is caused by the transition between
Bondi and Hill regime. From equation (49) we obtain the
transition radial distance between the Bondi and Hill regime
as follows:
rBH ≃ 10
(
M
2.5× 10−2M⊕
)28/47 (
M∗
M⊙
)98/47
(
M˙gas
10−6 M⊙ yr−1
)14/47
au. (71)
The transition occurs at rBH ∼ 5.8 au for M = 10−2M⊕,
thus the accretion occurs in the Bondi regime in wide region
of the disk. However, rBH is ∼ 23 au and ∼ 60 au when
M = 10−1M⊕ and 5.0 × 10−1M⊕, respectively. In these
cases, the region inner than rBH is the Hill regime, and the
outer region is the Bondi regime. As shown by equations
(57) and (58), the accretion timescales between the Bondi
and Hill regime differ factor of κ. This causes the small drops
in the accretion timescales at rBH.
3.3 Growth of planets by the pebble accretion
As mentioned in Section 2.4 the definition of the accretion
timescale is
tacc ≡ M
M˙
. (72)
If the accretion timescale does not depend on the embryo
mass, i.e., κ is assumed to be unity, can derive the mass
growth of the planetary embryo as follows:
M(t) /Minit = exp(t/tacc) , (73)
where Minit is the initial mass of a planetesimal or a plane-
tary embryo. Using the lifetime of the class 0/I objects, tlife,
the final mass of a grown-up protoplanet can be expressed
byM(tlife). If M(tlife) is sufficiently large, for example, ∼10
M⊕, the gas accretes to the protoplanet rapidly, and the
protoplanet evolves into a gas giant (e.g., Mizuno 1980;
Stevenson 1982; Pollack et al. 1996; Ikoma et al. 2000). If
the core of the gas giant is formed via the pebble accretion
in the class 0/I disk within its lifetime, it is a promising
pathway to the early formation of the gas giants in distant
orbits. By assuming M(tlife) to form the gas giants, the re-
quired initial mass to form such a core is expressed by
Minit = 10M⊕ exp(−tlife/tacc) . (74)
As described in Section 3.2, however, κ cannot be omit-
ted when the mass of the embryo is small. In addition, St is
relatively large in our disk model due to the large gas accre-
tion rate, the effect of κ slightly remains even when the M
is large. These effects cause that the accretion timescale de-
pends on the embryo mass. Therefore we integrate equation
(72) for the disk lifetime to derive the required initial mass
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Figure 4. Radial dependence of the required initial mass to form
a 10 M⊕ core within the disk lifetime with different gas accretion
rates. The horizontal axis is the radial distance from the central
star in units of au. The vertical axes are the required initial mass,
the left-hand side axis is in units of M⊕, and the right-hand side
is in units of gram. M∗ = M⊙, M˙dust = fM˙gas, tlife = 0.5 Myr,
and f = 0.01 are assumed in this plot. The magenta dotted, red
solid, green dashed, and blue dot-dashed lines correspond to the
gas accretion rate, 5 × 10−7 M⊙ yr−1, 1 × 10−6 M⊙ yr−1, 2 ×
10−6 M⊙ yr−1, and 3×10−6 M⊙ yr−1, respectively, and the blue
dashed horizontal line shows M = 10−7 M⊕. The black dotted
line shows the required initial mass when 1× 10−6 M⊙ yr−1 and
κ = 1 are assumed, and it corresponds to the plot of equation
(74).
to form the core of the gas giants. We set the final mass to
10 M⊕, and integrate equation (72) inversely over the disk
lifetime, tlife.
3.3.1 Dependence on the gas accretion rate
The required initial mass to form the core of the gas giant
strongly depends on the accretion timescales and the re-
quired initial mass changes significantly. First we show the
dependence on the gas accretion rate. Figure 4 show the
radial dependence of the required initial mass to form the
10 M⊕ core, with the difference gas accretion rate assuming
tlife = 0.5 Myr, M∗ = M⊙, M˙dust = fM˙gas, and f = 0.01,
respectively.
When the gas accretion rate is M˙gas = 10
−6 M⊙ yr
−1,
the required initial mass is ∼ 5.0×10−4 M⊕ at 10 au. There-
fore, if the embryo whose mass is ∼ 5.0× 10−4 M⊕ forms at
10 au, it can grow to the core of the gas giant within the life-
time of the class 0/I phases. Since the accretion timescale is
much longer in the distant region, the required initial mass
have to be much larger.
The required initial mass depends on the gas accretion
rate, and larger gas accretion rates result in a smaller initial
mass. However, since the reduction factor depends on the
embryo mass exponentially, the required initial mass cannot
be very small even in the case that the gas accretion rate
is larger. This effect can be seen in the inner region, ∼ 10–
20 au: the required initial mass decreases as the increase of
the gas accretion rate, but the amount of the decrease is not
large compared to the outer region.
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Figure 5. Map of the required initial mass in a radius-gas ac-
cretion rate plane. The color bar corresponds to the required ini-
tial mass to form a 10 M⊕ core. M∗ = M⊙, M˙dust = fM˙gas,
tlife = 0.5 Myr, and f = 0.01 are assumed in this plot. The blue
dashed lines shows the contour for a required initial mass. From
left to right, 10−4M⊕, 10−3M⊕, 10−2M⊕, and 10−1M⊕, respec-
tively.
We also plot the required initial mass when κ = 1 is
assumed, as a reference. When the effect of κ is ignored, the
accretion timescale does not depend on the embryo mass, so
the required initial mass can be solved analytically, as de-
noted by equation (74). This is plotted by black dotted line
in Fig. 4. When the required initial mass is large, for example
in the distant region, the appearance of the lines are similar.
However they deviate significantly when the required initial
mass is small.
According to the standard model of inside-out collapse
of a gas cloud (Shu 1977), the accretion rate is approxi-
mated by M˙ ≈ 0.975c3s /G, which is the so-called Shu accre-
tion rate. When we adopt 10 – 20 K for the temperatures
of typical star forming regions, the accretion rate becomes
∼ (1.6− 4.5)×10−6 M⊙ yr−1. In addition, the Shu accretion
rate is nearly the lower limit of the assumptions for the col-
lapse of the gas cloud; it can be several tens of times larger
than the Shu accretion rate, for example, M˙ ≈ 46.9c3s /G
(e.g., Larson 1969; Penston 1969; Hunter 1977). In this case
a much larger accretion rate is possible, thus we investigate
the value of required initial mass and its dependence when
the gas accretion rate is large.
Figure 5 shows the dependence of the initial mass on the
radial distance and the gas accretion rate. The blue dashed
lines shows the contour for a required initial mass. From left
to right, 10−4M⊕, 10
−3M⊕, 10
−2M⊕, and 10
−1M⊕, respec-
tively. It is shown that the larger gas accretion rate tends
to reduce the resultant required initial mass. However, the
trend will break when the gas accretion rate is larger, es-
pecially for the smaller embryo mass. This is caused by the
dependence of the accretion timescale on the gas accretion
rate that is described in Section 3.2.1.
When the gas accretion rate is relatively small, the effect
of the reduction factor is also small due to the small value of
St. In this regime, the accretion timescale decreases as the
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Figure 6. Radial dependence of the required initial mass to
form a 10 M⊕ core within the disk lifetime with different values
of the dust-to-gas mass ratio. The axes are the same as in Figure
4. M∗ = M⊙, M˙dust = fM˙gas, tlife = 0.5 Myr are assumed, and
we fixed M˙gas = 10−6 M⊙ yr−1. The red solid, green dotted, blue
dashed, and violet dot-dashed lines correspond to the dust-to-gas
mass ratios, f = 0.01, 1fsolar , 2fsolar, and 3fsolar, respectively,
and fsolar is the dust-to-gas mass ratio in the solar nebula. The
black dotted line shows the required initial mass when f = 0.01
and κ = 1 are assumed, and it corresponds to the plot of equation
(74).
gas accretion rate increases, and consequently the required
initial mass decreases.
When the gas accretion rate becomes large, however, St
also increases and the increase of the accretion timescale is
significant. In this regime, as the gas accretion rate increases,
the increase of the accretion timescale due to the reduction
factor will exceed the decrease of the accretion timescale
due to the large gas accretion rate. This effect appears in
the contour of Fig. 5; the leftmost contour (10−4M⊕) is the
curve convex to the right. This result suggests that the larger
gas accretion rate does not always help the efficient growth
of the planetary embryo by the pebble accretion in the class
0/I phases.
3.3.2 Dependence on the dust-to-gas mass ratio
As described in Section 3.2.2, it is expected that the required
initial mass decreases when the dust-to-gas mass ratio is
large. Figure 6 shows the dependence of the initial mass on
the dust-to-gas mass ratio, f . The gas accretion rate is fixed
as 10−6 M⊙ yr
−1, and f is treated as a parameter. Here, we
show the cases for f = 0.01, 1 fsolar, 2 fsolar, and 3 fsolar.
Because the pebble accretion timescale is proportional
to M˙−1dust, the larger amount of dust lead to faster accretion.
The larger dust-to-gas mass ratio leads to smaller required
initial mass, due to the shorter accretion timescale. When
we assume f = fsolar, the required initial mass is ∼ 2.0 ×
10−4M⊕, and when f = 3fsolar, it falls about 10
−4M⊕ at
10 au. However, in the regime when the required initial mass
is small, the decrease of the required initial mass becomes
small because of the large accretion timescale, which is the
same trend in Fig. 4.
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In Figure 6, the gas accretion rate is fixed to clarify
the dependence on the dust-to-gas mass ratio. However, an
increase in the gas accretion rate also changes the accretion
of the pebbles significantly. Figure 7 shows the maps of the
required initial mass in r− M˙gas planes with different dust-
to-gas mass ratios. The similar dependences of the required
initial mass as in Figure 5, are seen in the map. In the panel
(b), for example, the second-leftmost contour shows that
the required initial mass decreases as the increase of the gas
accretion rate in the case of M˙gas . 2 × 10−6M⊙ yr−1, but
it turns to increase when M˙gas & 2× 10−6M⊙ yr−1.
Panel (a) shows the case with the dust-to-gas mass ratio
of solar system, which is slightly larger than the case shown
in Figure 5. The required initial mass is smaller in all the
region of the map compared to the case of f = 0.01, due
to the large amount of the dust component in the disk. In
this case, for example, the planetary embryo whose mass is
∼ 10−3M⊕ can grow to 10 M⊕ at ∼ 20 au when the gas
accretion rate is ∼ 4.0× 10−6M⊙ yr−1.
For more dust rich conditions, as shown in panels (b)
and (c), a larger dust component strongly enhances the ac-
cretion rate of the pebbles and reduces the required initial
mass. In the case of f = 2fsolar, a ∼ 10−3M⊕ embryo at
∼ 20 au can grow to a 10 M⊕ core when the gas accre-
tion rate is ∼ 10−6M⊙ yr−1. In the case of f = 3fsolar, a
∼ 10−3M⊕ embryo at & 20 au can grow to a 10M⊕ core. In
this case, smaller embryo of ∼ 10−4M⊕ can grow the core at
10 au, even when the gas accretion rate is relatively smaller,
. 10−6M⊙ yr
−1 (shown by the leftmost contour in panel
(c)). This mass is comparable to the mass of Ceres, thus if
the planetary embryo whose mass is comparable to Ceres is
formed, it can grow to the core of the gas giant.
3.4 Gas accretion rates and disk lifetimes
In the previous sections we assume that the lifetime of the
class 0/I object is 0.5 Myr, which is thought to be the typical
lifetime of such a disk (e.g., Williams & Cieza 2011). The
lifetime of the disk, however, is not well understood yet.
Therefore it is important to understand the possible effects
of the disk lifetime on the formation of planetary cores by
the accretion of the pebbles.
Figure 8 shows the dependence of the required initial
mass to form the 10 M⊕ cores within the disk lifetime with
the different gas accretion rates. Here we assume that the
disk lifetime is tlife = 1.0 Myr, twice that in the fiducial
model shown in Figure 4. The longer disk lifetime results in a
reduced initial mass, compared to Figure 4. In this case, the
required initial mass at 10 au is reduced to ∼ 2.0×10−4M⊕,
and when the gas accretion rate is 2−3×10−6M⊙ yr−1, the
required initial mass at 20 au is ∼ 10−3M⊕. As described
above, the accretion timescale is very long when the embryo
mass is small, therefore the increase of the gas accretion
rate does not contribute to the significant reduction of the
required initial mass. This appears around 10 au in radial
distance in Fig. 8.
The maps of the required initial mass in r− M˙gas plane
with tlife = 1.0 Myr is shown in Fig. 9. It is shown that the
required initial mass is reduced compared to Fig. 5, because
of the longer disk lifetime.
Figure 7. Maps of the required initial mass in the radius-gas
accretion rate plane. The color bars and axes are the same as in
Figure 5. M∗ = M⊙, M˙dust = fM˙gas, and tlife = 0.5 Myr are
assumed, and the dust-to-gas mass ratios are (a) f = 1 fsolar,
(b) 2 fsolar, and (c) 3 fsolar, respectively. The blue dashed lines
shows the contour for a required initial mass same as in Fig. 5.
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Figure 8. Radial dependence of the required initial mass with
different gas accretion rates. The meaning of the lines is the same
as in Figure 4, but the lifetime of the disk is set to tlife = 1.0
Myr.
Figure 9. Map of the required initial mass in a radius-gas ac-
cretion rate plane. The color bar corresponds to the required ini-
tial mass to form a 10 M⊕ core. M∗ = M⊙, M˙dust = fM˙gas,
tlife = 1.0 Myr, and f = 0.01 are assumed in this plot. The blue
dashed lines shows the contour for a required initial mass same
as in Fig. 5.
3.5 Dependence on the stellar mass
As shown by equation (59), the accretion timescale is a de-
creasing function of the stellar mass, and therefore core for-
mation by pebble accretion becomes slower around a lower-
mass star. When we consider the dependence of the stellar
mass only and ignore the effect from the reduction factor κ,
the accretion timescale is tacc ∝ M−3/4∗ , and therefore the
pebble accretion timescales with 0.5M⊙ and 0.3M⊙ central
stars are ∼1.7 times and ∼2.5 times longer than the case for
1.0 M⊙, respectively. For the required initial mass, on the
other hand, the dependence is not always obvious because
it also strongly depends on the disk lifetime; as described
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Figure 10. Radial dependence of the accretion timescales. The
red, green, and blue lines correspond to the difference of the gas
accretion rates, 10−6, 10−7, and 10−8 M⊙ yr−1, respectively. The
line types correspond to the embryo mass; solid and dotted lines
correspond to 10−3M⊕, 10−1M⊕, respectively. M˙dust = fM˙gas
and f = 0.01 are assumed.
in Section 3.4, the longer disk lifetime is favorable for the
formation of the planetary core.
An important indication here is that fast formation of
the planet by pebble accretion in the distant region of the
disk might be difficult if the stellar mass is relatively small,
because of the longer pebble accretion timescale and the
small amount of accreting material. If the dust-to-gas mass
ratio is strongly enhanced, the accretion timescale is shorter
even in the case of smaller stelar masses, but it is still difficult
to form the cores of the giant planets in the distant region
in the lifetime of the class 0/I phases. Therefore, our model
suggests that the distant giant planets and/or gaps curved
by the planets would hardly be seen around the lower-mass
stars, for example, . 0.5M⊙, because of the longer pebble
accretion timescales.
4 DISCUSSION
4.1 Comparison with class II disks
For class 0/I disks, the relatively larger dust accretion rates
supported by the larger gas accretion rate enhance the peb-
ble accretion rate, and it can help the formation of larger
planets in the distant orbit in the early stage of star/planet
formation. After the class 0/I phases, a protostar evolves
into the class II phase. The gas and dust accretion rates de-
crease in this phase, and therefore the accretion timescale
will be much longer than that in the class 0/I phases.
Figure 10 shows the radial dependence of the accretion
timescales when the gas accretion rate is significantly re-
duced. In this plot we assume that the dust-to-gas mass ratio
is f = 0.01. The solid and dotted lines correspond to the dif-
ference of the embryo mass; the solid lines show the case of
M = 10−3M⊕, and the dotted lines show the case of M =
10−1M⊕. It is shown that the reduced gas accretion rate
significantly prolongs the accretion timescales. For example,
when M˙gas = 10
−7 M⊙ yr
−1 the accretion timescale exceeds
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3.0 × 105 yr at 10 au, and when M˙gas = 10−8 M⊙ yr−1 it
exceeds 3.0 × 106 yr around 20 au. This shows that when
the gas accretion rate is very small, as during the class II
phase, it is very difficult to form the planet or its core in the
distant region of the disk within the disk lifetime by pebble
accretion, although the disk lifetime itself is about 10 times
larger and gas surface density is 10− 100 times smaller.
4.2 Migration timescales
The orbital migration of planets due to disk–planet interac-
tion is one of the important problems in planet formation
(e.g., Kley & Nelson 2012). If the migration of the planet
is fast enough, the planet will fall onto the host star unless
some mechanisms halt the inward migration. Therefore it is
important to estimate the timescales of the orbital migra-
tion.
When the mass of the planet is relatively small and the
surface density of the disk is not affected by the planet sig-
nificantly, type I migration takes place (Tanaka et al. 2002).
According to Tanaka et al. (2002), the migration timescale
of the type I migration is expressed by
τI = (2.7 + 1.1q)
−1 M∗
Mp
M∗
Σgasr2
Hˆ2gas
Ω
, (75)
where Mp is the mass of the planet and q is the index of the
radial dependence of the gas surface density, Σgas ∝ r−q . In
our disk model, q = 12/7 as described in equation (8), and
substituting equations (4), (5), and (8), we obtain
τI ≃ 1.1× 105
(
Mp
M⊕
)−1 ( r
10 au
)25/14
yr. (76)
Due to the larger surface density of the gas compared to
the disk of class II objects, the migration timescale becomes
relatively shorter. Therefore, the planets being formed in
class 0/I YSOs tend to quickly accrete onto the central star
with this standard formula for type I migration. However,
the migration timescale is sensitive to the mass of the planet
and the radial distance. In addition, the details of the type I
migration are still being debated and would depend on the
details of the disk (Kley & Nelson 2012).
When the mass of the planet is large enough to open a
gap in the disk, the orbital migration makes the transition
to the type II migration, in which the orbit migrates inward
due to the viscous evolution of the disk (e.g., Ward 1997;
Hasegawa & Ida 2013). The upper limit of the migration
timescale of the type II migration is
τII = α
−1Hˆ−2gasΩ
−1, (77)
when we assume the migration speed is the same as the
radial velocity of the gas. Substituting the corresponding
equations into the above equation, we obtain
τII ≃ 6.8× 104
(
M∗
M⊙
)1/2(
M˙gas
10−6 M⊙ yr−1
)−1
( r
10 au
)2/7
yr. (78)
The timescale of the type II migration is also short, but note
that this assumption is the upper limit of the timescale, and
the larger mass of the planet slows down the migration rate.
4.3 Possibility of self-filtration effects
We have shown that core formation by the pebble accretion
in the class 0/I disk is efficient even in the distant region,
mainly because of the large gas and dust accretion rates.
If the abundance of the dust is enhanced compared to the
minimum-mass solar nebula model, the accretion timescales
are short, and small objects can grow to form the core of
the giant planet around ∼20−30 au. Therefore, the cores of
the giant planets can form in the early stage of the disk evo-
lution. However, if the growth of the planetesimals and/or
planetary embryos by pebble accretion is too efficient, many
embryos accrete the pebbles almost equally, and feeding of
the pebbles will decrease.
The filtering efficiency of a single planet is expressed by
P =
M˙
M˙dust
. (79)
The accretion rate of the pebbles onto the planet is rewritten
as M˙ = M/tacc. In our disk model, the accretion mode in
the distant region is the 3D regime as described in Section
2.4.4. Therefore, by substituting equation (59), we obtain
the following equation;
P ≃ 1.0× 10−3κ2
(
M∗
M⊙
)3/4(
M˙gas
10−6 M⊙ yr−1
)−1/4
(
M
0.1 M⊕
)( r
10 au
)−65/56
. (80)
Note that κ2 will be replaced by κ3 when the accretion oc-
curs in the Hill regime. Because the accretion timescale in
the 3D regime is inversely proportional to the dust accretion
rate, the filtering efficiency does not depend on the dust
accretion rate. Equation (80) shows that the filtering effi-
ciency in our disk model is ∼ 0.1% at 10 au when the mass
of the planet becomes ∼ 0.1 M⊕. Therefore, the effect of
self-filtration is insufficient to inhibit the mass growth of the
planet except when the mass of the planet becomes very
large or when the number of accreting planets is very large.
4.4 Uncertainty in the dust disk model
In our model, as described in Section 2.2, we assume per-
fect sticking for dust evolution. If we assume icy dust aggre-
gate, perfect sticking may be justified because the relative
velocity is ∼ 20 m s−1 in our steady state (see Fig. 2 of
Tsukamoto et al. 2017), and it is smaller than the threshold
velocity reported byWada et al. (2013) of 80 m s−1. Since we
focus on the region of the disk outside the water snow line,
in this paper, the assumption that dust grains are mainly
composed by ice is reasonable.
However, we should note that there is still uncertainty
for the threshold velocity. For example, recent laboratory
experiments suggest that the sticking threshold velocity for
icy dust aggregates is not as high as Wada et al. (2013) sug-
gested, ∼ 10 m s−1 (e.g., Gundlach & Blum 2015).
Moreover, composition of dust grains will also affect the
sticking threshold. For example, CO2 ice will be important
in the outer region of the disk; Musiolik et al. (2016) have
reported that the sticking threshold velocity for CO2 ice is
small, and the velocity is reduced even for the mixture of
CO2 and H2O. Therefore, this uncertainty for the threshold
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velocity can have an influence on the dust disk model we
assumed, and the results.
4.5 Formation of gas giants during class 0/I
phases
Our model consider the pebble accretion process in the class
0/I disk, and investigate how small mass of the planetes-
imal/planetary embryo can grow to the core of the giant
planet during the lifetime of the class 0/I phases. In other
words, our model gives the initial minimum mass that is nec-
essary to form the gas giants during the lifetime. In the fidu-
cial case, for example, if a 5.0 × 10−3M⊕ embryo is formed
at 10 au, it can grow up to the 10M⊕ core in 0.5 Myr.
In the most optimistic case, i.e., in the dust-rich condition
(f = 3fsolar), a 10
−4M⊕ embryo can grow up to the core at
10 au, and ∼ 10−3M⊕ embryo at ∼ 25 au can grow up to
the core.
In our model, the accretion timescale can be short be-
cause the dust accretion rate is relatively large, but the es-
timated values of the required initial mass are not small
enough to reach directly by planetesimal formation models.
For example, planetesimals formed via the streaming insta-
bility can be ∼ 10−7 M⊕ depending on conditions such as
the radial distance (e.g., Johansen et al. 2012). Even when
the efficient formation processes of planetesimals such as the
streaming instability are available, there will be a gap of the
mass of several orders of magnitude. Therefore, additional
growth processes should be needed to form the core of the
gas giants.
Even if the pebble accretion process during the class
0/I phases are not sufficient to form the giant planets, our
model show that the growth of the planetesimal/planetary
embryo occurs in the class 0/I phases, thus the embryos
with relatively larger masses form at the beginning of the
class II phase. This might alleviate the initial condition of
the early formation of the gas giants in the distant orbits in
protoplanetary disks.
The formation and growth processes of planetesimals
and planetary embryos in the class 0/I phases is not well un-
derstood yet. Therefore, further investigations are needed to
clarify whether the cores of the giant planets can be formed
during the early phases of the formation of the planetary
systems.
5 CONCLUSION
We have investigated planet formation by pebble accretion
in class 0/I disks, in particular, in the distant region. We em-
ployed an analytical solution of the disk structure of class
0/I objects that was derived by Tsukamoto et al. (2017),
and estimated the pebble-accretion timescale in the disks
on the basis of previous works on pebble accretion in proto-
planetary disks (Lambrechts & Johansen 2012; Guillot et al.
2014; Ida et al. 2016). Then we give a required mass of a
planetesimal/planetary embryo to form a core of the giant
planet during the class 0/I phases.
We showed that the required initial mass to form the
10 M⊕ core that can grow into the gas giant at 10 au is
∼ 5.0 × 10−4 M⊕ when we assume the gas accretion rate
is ∼ 10−6 M⊙ yr−1, the dust-to-gas mass ratio is 0.01, and
the disk lifetime is 0.5 Myr. Because the pebble accretion
timescale is∝ M˙3/4gas except for the effect of the reduction fac-
tor, the larger gas accretion rate results in a smaller required
initial mass, but the longer pebble accretion timescale pre-
vents the initial mass from being quite small values (Figure
4). We also showed that the larger gas accretion rate does
not always lead to the smaller pebble accretion timescale
when the mass of the planetary embryo is small, because of
the reduction effect (Figures 1 and 5).
In addition, the required initial mass is also reduced
when the dust-to-gas mass ratio is enhanced. In the most
optimistic case, for example, the formation of the core of
the giant planet is possible at ∼ 10 au from the host star
when M˙gas ∼ 3.0×10−7−10−6 M⊙ yr−1 and f = 3fsolar, and
the embryo mass is comparable to Ceres’s mass, ∼ 10−4M⊕
(Figure 7(c)).
We also considered the effect of the lifetime of the
class 0/I phases. The required initial mass is reduced when
the disk lifetime is longer, because its dependence is ∝
exp(−tlife/tacc) when the embryo mass is larger. If the life-
time of the class 0/I phases are 1.0 Myr, the required initial
mass at 10 au is reduced to ∼ 2.0× 10−4M⊕, and when the
gas accretion rate is 2−3×10−6M⊙ yr−1, the required initial
mass at 20 au is ∼ 10−3M⊕ (Figures 8 and 9). Therefore,
the longer lifetime of the class 0/I phases is favored for the
formation of larger planets in the distant region of the disk.
Our model shows the pebble accretion timescale in the
class 0/I phases and gives the required mass of planetary
embryos to form the cores of the giant planets. If large bodies
whose mass is comparable to Ceres exist, they can grow to
10M⊕ cores during the lifetime of the class 0/I phases. It
is unclear that such large objects can form in the disk, and
more detailed works will be needed to investigate whether
distant gas giants which explain the gaps and rings in the
young protoplanetary disks can be formed or not. In any
case, our model suggests that planet formation in the early
stage of the star/planet formation processes is important.
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